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ABSTRACT

Planet formation and photoevaporation have both been considered as gap opening mechanisms in protoplanetary
disks. We have studied giant planet formation in a photoevaporating disk with long-term evolution. Our
calculations suggest that the core accretion rate of a protoplanet declines and the trigger of the runaway gas
accretion for a giant planet is delayed under the action of photoevaporation. We find that the final mass of a giant
planet characterized by the “gap-limiting” case is not influenced by photoevaporation but the final mass of a giant
planet characterized by the “diffusion-limiting” case is greatly influenced by photoevaporation. Considering the
formation process of giant planets, we suggest that the locations of the gaps opened by giant planets are within
30–40 au and the gap width in the “gap-limiting” case is wider than that in the “diffusion-limiting” case. We also
find that gaps in photoevaporating disks are wider than those in non-photoevaporating disks. Our calculations
suggest that the origins of multiple gaps in a disk can be diverse depending on their formation locations. In the
formation region of giant planets, gaps are opened by giant planets. The outer gap beyond the giant planet
formation region may be opened under the action of photoevaporation. A gap may also be opened at 1–3 au under
the actions of photoevaporating dissipation and gas accretion of the outer giant planets.
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1. INTRODUCTION

Planets are born from protoplanetary disks. Observations of
protoplanetary disks provide us with clues concerning the
formation and evolution of planets (e.g., Williams &
Cieza 2011; Isella et al. 2013; Akiyama et al. 2015;
Ho 2016; van der Marel et al. 2016). Recently, ALMA
Partnership et al. (2015) provided the first images of the
protoplanetary disk around the young star HL Tauri (hereafter
HL Tau) by observing the millimeter and submillimeter
continuum emission with the Atacama Large Millimeter/
submillimeter Array (ALMA). The images show that there are
bright and dark rings in the disk of HL Tau. Hsi-Wei et al.
(2016) also identify two HCO+ gaps at radii of ∼28 and ∼69 au
by analyzing the HCO+ (1-0) data of HL Tau with ALMA.

A number of theoretical studies have been devoted to
investigating the gap formation mechanism (e.g., Dong
et al. 2015; Picogna & Kley 2015; Tamayo et al. 2015; Zhang
et al. 2015; Akiyama et al. 2016; Jin et al. 2016; Yang
et al. 2016). One hypothesis for the origin of gap structures is
the planet–disk interaction (e.g., Lin & Papaloizou 1979;
Goldreich & Tremaine 1980; Lin & Papaloizou 1993).
Combining two-dimensional (2D) two-fluid hydrodynamic
calculations with three-dimensional (3D) Monte Carlo Radia-
tive Transfer simulations, Dong et al. (2015) suggest that
multiple gaps can be opened by M0.2 J planets embedded in the
disk. Dipierro et al. (2015) use the smoothed particle
hydrodynamics code to simulate the global evolution of dust/
gas disks with embedded multiple planets. They can reproduce
the major features exhibited in HL Tau images with three
embedded planets (0.2, 0.27, and 0.55 MJ) at 13.2, 32.3, and
68.8 au, respectively. Jin et al. (2016) adopt a method similar to
that of Dong et al. (2015) to explore planet–disk interactions in
the disk. They suggest that the masses of three embedded
planets are about 0.35, 0.17, and 0.26 MJ, respectively.
Recently, Akiyama et al. (2016) proposed that the observed
features of multiple gaps in a disk may be the result of the

combined effects of gravitational instability (GI) and type II
migration.
Although the works mentioned above successfully reproduce

the ring-like structures in protoplanetary disks, it is still
uncertain whether all of the gaps in disks are opened by giant
planets. The planet mass in a disk is usually set to a fixed value
when 2D/3D hydrodynamical simulations of planet–disk
interactions are performed (Dipierro et al. 2015; Dong
et al. 2015; Jin et al. 2016). Since the formation and evolution
of giant planets are not included, it is not clear whether planets
can acquire sufficient masses to open deep gaps at given
locations in disks. According to the core accretion model of
giant planet formation (Pollack et al. 1996), it is very difficult
to form giant planets outside 20–30 au in a protoplanetary disk
(e.g., Ida & Lin 2004; Mordasini et al. 2009). Although GI may
be another giant planet formation scenario, a disk becomes
gravitationally unstable only in the outer region and the disk
fragments are more likely to evolve into brown dwarfs or low-
mass stars rather than planets (e.g., Rice et al. 2015; Kratter &
Lodato 2016).
Both observations and theoretical models of protoplanetary

disks confirm that disk dispersal is very efficient (e.g.,
Alexander et al. 2014; Espaillat et al. 2014). Photoevaporation
may be the dominant mechanism that drives the dispersal of
disks around classical and weak-lined T Tauri stars (Armitage
2011). Far-ultraviolet (FUV), extreme-ultraviolet (EUV), or
X-ray radiation from the central star heat the disk surface (Font
et al. 2004; Gorti et al. 2009; Owen et al. 2010). When the
mass-loss rate due to photoevaporation by high-energy
radiation at a given location in a disk is larger than the mass
replenishment rate by viscous processes at that location, then a
gap opens in the disk. The number and location of the gaps
depend on the disk size and surface density profile (Mor-
ishima 2012; Bae et al. 2013; Rosotti et al. 2015; Xiao &
Li 2016). Compared with the low mass-loss rate of EUV
photoevaporation (Font et al. 2004), X-ray photoevaporation

The Astrophysical Journal, 826:168 (9pp), 2016 August 1 doi:10.3847/0004-637X/826/2/168
© 2016. The American Astronomical Society. All rights reserved.

1

mailto:xiaol@cho.ac.cn
mailto:xiaol@cho.ac.cn
mailto:xiaol@cho.ac.cn
http://dx.doi.org/10.3847/0004-637X/826/2/168
http://crossmark.crossref.org/dialog/?doi=10.3847/0004-637X/826/2/168&domain=pdf&date_stamp=2016-07-28
http://crossmark.crossref.org/dialog/?doi=10.3847/0004-637X/826/2/168&domain=pdf&date_stamp=2016-07-28


can produce a much higher mass-loss rate due to its ability to
penetrate (e.g., Gorti et al. 2009; Owen et al.
2010, 2011, 2012).

The goal of this study is to investigate giant planet formation
in photoevaporating disks with long-term evolution. We further
develop the disk model introduced in Xiao & Jin (2015) by
taking into account X-ray photoevaporation (Gorti et al. 2009;
Owen et al. 2010, 2011, 2012). To calculate the giant planet
mass, we adopt the same models for planet growth as those in
Xiao & Jin (2015) which are based on the core accretion
scenario. This paper is organized as follows. In Section 2, we
provide the details on our disk model and giant planet
formation model. Our calculation results and discussions are
presented in Section 3 and Section 4, respectively. Finally, our
conclusions are presented in Section 5.

2. MODELS FOR DISK EVOLUTION AND GIANT
PLANET FORMATION

We describe our one-dimensional (1D) viscous disk
evolution model that includes mass infall from the progenitor
cloud core onto the disk in Section 2.1. We recapitulate the
long-term growth model of gas giant planets that includes solid
core accretion, slow envelope accretion, runaway gas accretion,
and gap opening in Section 2.2.

2.1. Disk Evolution Equations

Our disk model simulates the time evolution of the gas
surface density of the disk, which is based on a numerical
solution of the diffusion equation (Jin & Sui 2010). The mass
infall rate onto the protoplanetary disk from its progenitor core
is based on Cassen & Moosman (1981). According to Shu
(1977), the properties of a cloud core are described by the core
mass Mcd, angular velocity ω, and temperature Tcd. The
observational ranges of ω and Tcd are – ´ - -0.1 13 10 s14 1 and
–7 40 K, respectively (Goodman et al. 1993; Jijina et al. 1999;
Caselli et al. 2002). In this study, we set the physical
parameters with ☉=M M1.2cd , w = ´ - -1 10 s14 1, and

=T 15 Kcd to discuss the disk structures (e.g., Robitaille
et al. 2007; Guilloteau et al. 2011; Kwon et al. 2011).

We update the disk model introduced in Jin & Sui (2010)
and Xiao & Jin (2015) by considering X-ray photoevaporation
(Gorti et al. 2009; Owen et al. 2010, 2011, 2012) and the
accretion of giant planets. The diffusion equation of the disk
surface density is
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where Σ is the gas surface density of the disk, R is the
cylindrical radius, ν is the kinematic viscosity, and ˙ ( )S Rw is the
photoevaporation term. The mass influx ( )S R t, from the
collapsing cloud core onto the disk is (Nakamoto &

Nakagawa 1994)
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We calculate the disk temperature with radiative diffusion
approximation which is the same as that used in Jin & Sui
(2010) and Xiao & Jin (2015). We use the α-prescription to
calculate the kinematic viscosity (Shakura & Sunyaev 1973),
n a= c hs , where cs is the sound speed, h is the half thickness of
the disk, and α is a dimensionless parameter reflecting the
viscosity strength which varies with both R and t:

[ ] ( )a a a a= +max , , 4GI MRI min

where aGI is the viscosity parameter due to GI (Laughlin &
Bodenheimer 1994; Laughlin & Rozyczka 1996; Laughlin
et al. 1997, 1998), aMRI is the viscosity parameter of
magnetorotational instability (MRI; Balbus & Haw-
ley 1991, 1998), and amin is the minimum value for driving
disk evolution. In this study, when a disk becomes grav-
itationally unstable, a spiral structure develops which is prone
to stabilizing the disk and preventing disk fragmentation. We
take ( )a a a= +GI short

2
long
2 1 2 according to Kratter et al.

(2008), where [ ( )( ) ]a = - -Q umax 0.14 1.3 1 1 , 0short
2 2 1.15

and [ ( ) ( ) ]a = ´ -- Q u Qmax 1.4 10 2 , 0long
3 1.25 0.5 , where Q

is the Toomre parameter (Toomre 1964) and u is the ratio of the
disk mass to the mass of protostar+disk. We set aMRI

according to the numerical results of Fleming & Stone
(2003), who consider the non-ideal magnetohydrodynamic
(MHD) effects in their 3D layered disk models to explore local
dynamics. In the region where GI and MRI cannot survive, the
hydrodynamic effects may drive disk evolution. The viscosity
caused by the hydrodynamics is still uncertain (e.g., Armitage
2011). Here, amin is taken to be constant, a = ´ -1.5 10min

3,
which is the median value from Dubrulle (1993), Klahr &
Bodenheimer (2003), and Chambers (2006a).
The sink term Q̇planet is the mass-loss rate of the disk due to

gas accretion by the forming planets (Alibert et al. 2013).
Photoevaporation induced by X-rays is simulated using
radiation-hydrodynamic models (e.g., Ercolano et al. 2009;
Owen et al. 2010, 2011, 2012). Owen et al. (2011, 2012)
estimate the total mass-loss rate as follows:
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where M* is the central star mass and LX is the X-ray
luminosity. According to Bae et al. (2013), LX is a function of
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M* for a low-mass star ( )☉* M M2 :

( [ ]) ( )
( ) ( ) ( )☉*
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-L

M M

log erg s 30.37 0.06
1.44 0.10 log . 6

X
1

Owen et al. (2012) show that ˙ ( ) ˙S = SR Aw w,scale, and Ṡw,scale is
presented in their Appendix B. The scale coefficient, A, is
determined by

˙ ˙ ( )ò p= SM A R dR2 . 7w w,scale

2.2. Giant Planet Formation Model

We adopt the core accretion model of giant planet formation
used in Xiao & Jin (2015) to calculate giant planets’ masses,
which include protoplanetary solid core accretion and gas
accretion (Pollack et al. 1996). Since the trapping of migrating
planets in the protoplanetary disk is still an open issue (e.g.,
Masset & Papaloizou 2003; Pepliński et al. 2008; Paardekooper
& Papaloizou 2009; Hasegawa & Pudritz 2011; Nayak-
shin 2015; Ogihara et al. 2015), we do not consider planet
migration in this study. Moreover, the ring-like structures in
disks imply that giant planets may form in situ (ALMA
Partnership et al. 2015). We assume that giant planets locate at
13.1, 28.6, and 39.5 au, respectively.

2.2.1. Protoplanetary Solid Core Accretion

The calculations of the growth rate of a protoplanetary solid
core are based on the oligarchic growth model by Chambers
(2006b), who also considers the surface density evolution of
planetesimals and fragments produced by collisions between
planetesimals. The solid core accretion rate of an embedded
protoplanet due to planetesimal accretion is written as

˜
( )=

S WdM

dt

r R

e
36.5 , 8c p h c
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2

where Mc and Rc are the mass and the physical radius of a solid
core, respectively, Sp is the surface density of planetesimals, Ω
is the orbital angular velocity of the embedded protoplanet, and
rh is the protoplanet’s Hill radius, which is
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where a is the orbital semimajor axis of the protoplanet and *M
is the central star mass. The equilibrium eccentricity, ẽm,eq, is
defined as
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(see Kokubo & Ida 2002 and Thommes et al. 2003), where r is
the physical radius of the planetesimals, rp is the bulk density
of the solid core, rgas is the local gas density of the
protoplanetary disk, CD is the gas drag coefficient (Adachi
et al. 1976), and the orbital separation b is measured in rh. The
typical value of b is ∼10, which is independent of the disk and

the protoplanet parameters (Kokubo & Ida 1998). The solid
core accretion rate of an embedded protoplanet due to fragment
accretion is

( )= S W
dM

dt
r R11.3 , 11c

f h
3 2 1 2

where Sf is the surface density of fragments.
Chambers (2006b) considers solid material evolution in

order to obtain self-consistent equations for the solid core
accretion rate. He assumes that the total solid materials are
composed of planetesimals, fragments, and solid cores of
protoplanets in the protoplanetary disk:

( )S = S + S + S , 12tot p f e

whereSe is the equivalent surface density of a protoplanet solid
core, which is given by
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The decreasing rate of the planetesimal surface density due to
mutual collisions is expressed as
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where Qcol is the collision energy per unit target mass
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and Q* is the mean catastrophic disruption threshold
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= -a 0.38, and b=1.36 (Benz & Asphaug 1999).
From the above equations, we derive the normalized surface

densities, s = S Sk tot ( )=k p, f, e , and change rates (Xiao &
Jin 2015)
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In this study, we adopt the same approach as in Xiao & Jin
(2015) to setStot and the starting time of planet formation. The
initial mass of the protoplanet, Mini, is set by

( )
( )

*

p
=

S⎡
⎣⎢

⎤
⎦⎥M

m a b

M3
, 20ini

tot
2

1 3

3 5

which is obtained from the condition for the transition from
runaway to oligarchic growth of the protoplanet (Ida &
Makino 1993).

2.2.2. Gas Accretion onto a Protoplanet

When the protoplanet mass is small, it accretes gas from the
disk due to the contraction of the gaseous envelope which is
characterized by slow gas accretion (Xiao & Jin 2015).
According to Miguel & Brunini (2008) and Miguel et al.
(2011), the gas accretion rate in this case is written as

˙ ( )
t

= =M
dM

dt

M
, 21slow

g

g

where Mg is the gaseous envelope mass, M is the total mass of
the protoplanet, and tg is the characteristic growth time,
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The classical formation models of giant planets show that
when a planet is massive enough, the gas envelope cannot be in
equilibrium and the runaway gas accretion is triggered (e.g.,
Pollack et al. 1996; Ikoma et al. 2000). According to Tanigawa
& Ikoma (2007), the gas accretion afterward can be divided
into two cases: the “diffusion-limiting” case (in which the gas
accretion of the protoplanet is determined by the gas supply of
the disk) and the “gap-limiting” case (in which the gas
accretion of the protoplanet is determined by the gap opening
in the disk). In the “gap-limiting” case, the gas accretion rate is
written as (Tanigawa & Watanabe 2002)

˙ ˙ ( )= = SM
dM

dt
A , 23gap

g
acc

where

˙ ( )
*

= W
-

⎜ ⎟⎛
⎝

⎞
⎠

⎛
⎝⎜

⎞
⎠⎟A

h

a

M

M
a0.29 24

2 4 3
2

and ( )S = S =x r2acc gap h . The equilibrium surface density
profile, ( )S xgap , which is considered to be the actual gas surface

density of the protoplanetary disk around a protoplanet, is
given by (Tanigawa & Ikoma 2007)
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where x is the distance to the embedded planet on the line from
the star through the planet, and l and xm are defined as
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From the above, the gas accretion rate onto the protoplanet, Ṁg,
is written as

˙ ( ˙ ˙ ˙ ) ( )= =M
dM

dt
M M Mmin , , , 28

g
g slow gap disk

where Ṁdisk is the mass accretion rate of the disk (Jin &
Sui 2010). It should be noted that Ṁg equals the mass-loss rate
of the disk due to gas accretion by the forming planets (Q̇planet;
Alibert et al. 2013).

3. RESULTS

3.1. Planet Formation in the Non-photoevaporating Disk

In Figure 1, the planet is located at 13.1 au. As discussed by
Xiao & Jin (2015), the surface densities of solids and gases in

Figure 1. Time evolution of planetary mass at 13.1 au in the non-
photoevaporating disk with w = ´ - -1.0 10 s14 1, =T 15 KMCC , and

☉=M M1.2MCC . The solid lines represent total planet mass, the dashed lines
accumulated gas mass, and the dot–dashed lines accumulated solid mass.
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the disk are high. As a result, the growth rate of the protoplanet
is high. Runaway gas accretion is triggered early in the
evolution of the disk. Before the disk dissipates, the planet has
opened a deep gap around it. The evolutionary feature of the
planet mass is characterized by the “gap-limiting” case
(Tanigawa & Ikoma 2007). Since the gap width is wider than
the gas accretion width (see Tanigawa & Ikoma 2007, and
Figure 4 in this study), the gas accretion rate of the giant planet
is very low and the planet mass almost does not change with
time when the deep gap is opened. The giant planet formed in
this case is the most massive (Xiao & Jin 2015). The final mass
of the giant planet is mainly determined by the gap opening
conditions (e.g., Kley 1999; Lubow et al. 1999; Ida &
Lin 2004). Tanigawa & Ikoma (2007) estimate that the final
mass, Mfinal,gap, is proportional to ( )n Wa2 . Since
n a a a= = W µ Wc h c Ts s

2 , aµM Tafinal,gap , where T is
the disk temperature. In our disk model, µ g-T a with g ~ 1 at
~5 20 au and the final mass is proportional to α (Xiao &

Jin 2015). Our model show that when the planet opens a deep
gap, the disk is gravitationally stable and the viscosity is low.
The final mass of the planet located at 13.1 au is ~ M1.40 J.

In Figure 2, the planet is located at 28.6 au. Since the gas
surface density of the protoplanetary disk decreases with
increasing R (Jin & Sui 2010), the growth rate of the
protoplanet decreases. The trigger of the runaway gas accretion
of the planet is delayed. Although a gap is opened, the gas
accretion width exceeds the gap width and the protoplanet can
still accrete gas from the disk. The evolutionary feature of the
giant planet mass is characterized by the “diffusion-limiting”
case (Tanigawa & Ikoma 2007). When the protoplanet can
efficiently accrete the gas from the disk, the gas surface density
is relatively low. The gas supply of the disk limits the gas
accretion of the planet. In this case, the final mass of the planet
located at 28.6 au is ~ M0.46 J.

In Figure 3, the planet is located at 39.5 au. At the large
radius of the disk, the amount of solids and gases is very small.
The growth rate of the protoplanet is very low. The planet

cannot accrete enough mass to trigger runaway gas accretion.
As a result, it can only accrete a small amount of gas from the
disk. As shown in Figure 3, the final mass of the planet located
at 39.5 au is only ~ ÅM8.95 .

3.2. Gap Structures in the Non-photoevaporating Disk

The global viscous evolution of the non-photoevaporating
disk is simulated by the diffusion equation, Equation (1), in
which ˙ ( )S Rw is not included. The local properties of the disk
near the forming planets are represented by Equation (25),
which describes the equilibrium profile of the gas surface
density around the planet (Tanigawa & Ikoma 2007).
Figure 4(a) shows the gas surface density profile of the disk

at 0.64 Myr. During the early evolution of the disk, the masses
of the planets in the disk are very low. Their gravities are too
weak to affect the gas surface density of the disk. The disk
evolution is derived by the viscosities due to MHD turbulence
and hydrodynamic processes. The gas in the inner disk is
accreted onto the central star and the gas in the outer disk
expands outward.
Figure 4(b) shows the gas surface density profile of the disk

at 2.56Myr. At this time, the gas giant at 13.1 au has reached
its final mass. It is massive enough to open a wide gap in the
disk. However, the planet at 28.6 au is just beginning to accrete
gas efficiently. Figure 2 shows that its mass is about M0.05 J. It
can only open a narrow gap in the disk. The planet at 39.5 au is
too small to open a gap in the disk.
Figure 4(c) shows the gas surface density profile of the disk

at 5.00 Myr. Since the mass of the planet at 13.1 au rarely
changes (see Figure 1), the width of the gap opened by the
planet also does not changed. The planet at 28.6 au has grown
to ~ M0.46 J. The width of the gap opened by it expands but is
still narrower than that at 13.1 au. The growth rate of the planet
at 39.5 au is very low, and so it is still too small to open a gap.
Xiao & Jin (2015) have also shown that the formation region

of giant planets is <30 au, which is consistent with most

Figure 2. Time evolution of planetary mass at 28.6 au in the non-
photoevaporating disk with w = ´ - -1.0 10 s14 1, =T 15 KMCC , and

☉=M M1.2MCC . The solid lines represent total planet mass, the dashed lines
accumulated gas mass, and the dot–dashed lines accumulated solid mass.

Figure 3. Time evolution of planetary mass at 39.5 au in the non-
photoevaporating disk with w = ´ - -1.0 10 s14 1, =T 15 KMCC , and

☉=M M1.2MCC . The solid lines represent total planet mass, the dashed lines
accumulated gas mass, and the dot–dashed lines accumulated solid mass.
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studies of giant planet formation using the core accretion model
(e.g., Pollack et al. 1996; Ida & Lin 2004; Mordasini
et al. 2009; Alibert et al. 2013). Therefore, it is very difficult
to open gaps by giant planets in the outer region of the disk
when considering the process of giant planet formation.

3.3. Planet Formation in the Photoevaporating Disk

In the photoevaporating disk, the surface density decreases
more efficiently (e.g., Alexander et al. 2014; Espaillat
et al. 2014). As a result, the core accretion rate of the
protoplanet declines and the trigger of the runaway gas
accretion for the giant planet is delayed.

In Figure 5, the planet is located at 13.1 au. Although
runaway gas accretion is delayed compared to the case shown
in Figure 1, the protoplanet still has enough time to become
sufficiently massive to open a deep gap. The evolutionary
feature of its mass is also characterized by the “gap-limiting”
case. Since the final mass of this planet is mainly determined by
α, as explained in Section 3.1, this value is almost the same as
that shown in Figure 1. The final mass of the planet located at
13.1 au is ~ M1.40 J.

In Figure 6, the planet is located at 28.6 au. The runaway gas
accretion is also delayed compared to the case shown in
Figure 2. However, the evolutionary feature of its mass is
characterized by the “diffusion-limiting” case. The gas
accretion rate of the planet is determined by the gas supply
of the disk. Since photoevaporation makes Σ decrease
efficiently, the Σ in the photoevaporating disk at any time will
be lower than that in the non-photoevaporating disk at the same
time. Therefore, the planet mass at 3.00Myr shown in Figure 6
is relatively small with ~ M0.14 J compared to that shown in
Figure 2. Moreover, the efficient decrease of Σ due to

photoevaporation also results in the decline of the disk lifetime
(e.g., Armitage et al. 2003; Gorti et al. 2009; Ribas et al. 2015).
As a result, the final mass of the planet shown in Figure 6 is
much lower than that shown in Figure 2 because of the shorter
gas accretion timescale.
In Figure 7, the planet is located at 39.5 au. Photoevapora-

tion also limits disk expansion. So, Σ in the outer region of the
photoevaporating disk is lower than that of the non-
photoevaporating disk. In the outer region of the disk, the
growth rate of the planet is low and the final mass of the planet
in Figure 7 is lower than that in Figure 3.

Figure 4. Gas surface density profiles of the non-photoevaporating disk with
w = ´ - -1.0 10 s14 1, =T 15 KMCC , and ☉=M M1.2MCC at (a) 0.64 Myr, (b)
2.56 Myr, and (c) 5.00 Myr.

Figure 5. Time evolution of planetary mass at 13.1 au in the photoevaporating
disk with w = ´ - -1.0 10 s14 1, =T 15 KMCC , and ☉=M M1.2MCC . The solid
lines represent total planet mass, the dashed lines accumulated gas mass, and
the dot–dashed lines accumulated solid mass.

Figure 6. Time evolution of planetary mass at 28.6 au in the photoevaporating
disk with w = ´ - -1.0 10 s14 1, =T 15 KMCC , and ☉=M M1.2MCC . The solid
lines represent total planet mass, the dashed lines accumulated gas mass, and
the dot–dashed lines accumulated solid mass.
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3.4. Gap Structures in the Photoevaporating Disk

The global evolution of the photoevaporating disk is
dominated by viscosity and photoevaporation. Figure 8 show
that the mass loss due to photoevaporation results in a lower
surface density profile and smaller size of the disk (expansion
of the disk is suppressed). The lifetime of the photoevaporating
disk is about 3 Myr, which is much shorter than that of the non-
photoevaporating disk (>5 Myr).

Figure 8(a) shows the gas surface density profile of the disk
at 0.64Myr. In the early evolution of the disk, the masses of
planets in the disk are too low, and so their gravities cannot
affect the gas surface density profile of the disk.

Figure 8(b) shows the gas surface density profile of the disk
at 2.56 Myr. At this time, the gas giant at 13.1 au has also
reached its final mass as discussed in Section 3.2. It is massive
enough to open a wide gap in the disk. Kanagawa et al. (2016)
obtain an empirical formula of the gap width for the giant
planet:

( )
*

a
D

=
-

-⎜ ⎟
⎛
⎝⎜

⎞
⎠⎟

⎛
⎝

⎞
⎠R

M

M

h

R
0.41 . 29

gap
1 2 3 4

1 4

According to Equation (24) in Jin & Sui (2010), *µ -h R M 1 2.
We find that *D µ -M Mgap

1 2 1 8. Since mass loss due to
photoevaporation causes the central star mass to be relatively
lower in the photoevaporating disk, the width of the gap
opened by the planet at 13.1 au is wider than that in the non-
photoevaporating disk. The planet at 28.6 au just begins to
accrete gas efficiently. Figure 6 shows that its mass is about

M0.04 J. It can only open a narrow gap in the disk and the gap
width is comparable to that in Figure 4(b) at 28.6 au because of
the relatively low mass of the planet and the central star mass.
Although the planet at 39.5 au is too small to influence the
surface density profile of the disk, a gap is opened at about

80 au because the disk surface density at the radius drops more
steeply than the photoevaporation rate (Bae et al. 2013).
Figure 8(c) shows the gas surface density profile of the disk

at 2.56 Myr. The widths of the gaps opened by planets does not
change. According to Equation (29), we calculate the widths of
the two gaps. The gap at 13.1 au is about 9.47 au, which is
consistent with the results of Kanagawa et al. (2016). The gap
at 28.6 au is about 5.29 au, which is lower than the results of
Kanagawa et al. (2016) because the planet in the gap is smaller.
The outermost gap opened by photoevaporation expands
because the disk globally depletes through the accretion of
gas giants and photoevaporation. Due to this gas depletion, the
surface density in the inner disk is lower. Numerical simulation
results from Bae et al. (2013) show that the X-ray
photoevaporation rate reaches the maximum value at 1–3 au.
So a gap is opened at ∼2 au under the action of accretion and
photoevaporation (Bae et al. 2013; Rosotti et al. 2015).

4. LIMITATIONS

Our disk model is axisymmetric, and so we cannot simulate
accretion by non-axisymmetric instabilities. The accretion rates
may be underestimated in some cases (e.g., Hawley 1987; Li
et al. 2001; Meheut et al. 2012).
In this paper, the photoevaporation model is valid for disks

around isolated stars. Therefore, a disk around a low-mass star
may be dispersed by all three kinds of radiation: EUV, FUV,
and X-ray (Armitage 2011). Photoevaporation driven by EUV
is well understood due to the simple physics in this case
(Alexander et al. 2014). The analytic mass-loss rate of EUV
photoevaporation is in good agreement with that calculated by
numerical models (e.g., Hollenbach et al. 1994; Alexander
et al. 2006). However, the mass-loss rate of EUV

Figure 7. Time evolution of planetary mass at 39.5 au in the photoevaporating
disk with w = ´ - -1.0 10 s14 1, =T 15 KMCC , and ☉=M M1.2MCC . The solid
lines represent total planet mass, the dashed lines accumulated gas mass, and
the dot–dashed lines accumulated solid mass.

Figure 8. Gas surface density profiles of the photoevaporating disk with
w = ´ - -1.0 10 s14 1, =T 15 KMCC , and ☉=M M1.2MCC at (a) 0.64 Myr, (b)
2.43 Myr, and (c) 2.56 Myr.
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photoevaporation is relatively low. Calculations show that an
EUV photoevaporating disk may last for 107 yr, which is
much longer than the observed disk lifetimes (Alexander
et al. 2006; Gorti et al. 2009). We consider that EUV
photoevaporation cannot significantly affect the final mass of
giant planets. Therefore, we ignore the EUV photoevaporation
effect in this study. Gorti & Hollenbach (2009) show that FUV
and X-ray photoevaporation produce a significant mass-loss
rate, and the estimated disk lifetimes are comparable to the
observed disk lifetimes. For FUV photoevaporation, the mass-
loss rate is highly dependent on the thermal structure of the
disk, which is still not fully understood (Armitage 2011;
Alexander et al. 2014). So we adopt X-ray irradiation as the
primary photoevaporation source. This simplification is still
able to demonstrate the influence of photoevaporation on the
properties of gas giant planets that formed in situ. According to
Owen et al. (2012), our model is applicable when the X-ray
luminosity is relatively strong if photoevaporation is thought to
be the dominant dissipation mechanism for disks.

MRI is considered to be the most promising mechanism
driving angular-momentum transport in protoplanetary disks
(Balbus & Hawley 1991; Brandenburg et al. 1995; Hawley
et al. 1995; Balbus et al. 1996; Balbus & Hawley 1998).
However, protoplanetary disks are cold, dense, and, therefore,
poorly ionized. The low level of ionization tends to decouple
the disk gas from magnetic fields, which generates non-ideal
MHD effects: Ohmic dissipation, ambipolar diffusion (AD),
and the Hall effect (e.g., Armitage 2011; Turner et al. 2014).
These effects quench MRI in different ways: Ohmic dissipation
originates from collisions between electrons and neutrals, AD
from collisions between ions and neutrals, and the Hall effect
from drift between electrons and ions (Fleming et al. 2000;
Sano & Stone 2002; Bai & Stone 2011). Ohmic dissipation
operates in high-density regions with weak field, AD dominates
in highly ionized and low-density regions, and the Hall effect
lies in between (Fleming & Stone 2003; Bai & Stone 2011;
Bai 2014). So far, the effect of Ohmic dissipation has been best
studied. Investigations show the layered accretion in the inner
disk, where the midplane region is “dead” due to low ionization
while the surface layer is “active” due to sufficient ionization
(Gammie 1996; Jin 1996; Fleming et al. 2000; Fleming &
Stone 2003; Turner et al. 2007; Ilgner & Nelson 2008; Oishi &
Mac Low 2009; Okuzumi & Hirose 2011). Recent works that
take into account both Ohmic dissipation and AD show that
AD may render the surface layer and portions of the outer disk
inactive (Bai & Stone 2011; Landry et al. 2013; Kalyaan
et al. 2015). Bai & Stone (2013) find that MRI is completely
suppressed in the inner disk and a strong magnetocentrifugal
wind is launched. Three-dimensional simulations that include
all three non-ideal MHD effects are also performed
(Bai 2014, 2015; Lesur et al. 2014; Simon et al. 2015). In
the inner disk, the influence of the Hall effect on midplane
angular-momentum transport depends on the orientation of the
vertical magnetic field with the disk rotation axis. When the
field is aligned with the axis, the enhanced Maxwell stress
promotes angular-momentum transport. When the field is anti-
aligned with the axis, the midplane remains quiescent. In the
outer disk, the Hall effect has little influence on the disk
turbulence. Although the inclusion of AD and the Hall effect
substantially changes the level of turbulence in the proto-
planetary disks, the feature that the viscosity is low in the inner
disk and high in the outer disk is still valid. In this study, we

assume that gas giant planets form in situ via the core accretion
scenario, which implies that their formation locations are
always in the low-viscosity region. Since in this study we focus
on the relation between photoevaporation and planet formation
and gap opening by planets in the disk, we adopt Ohmic
dissipation to represent the non-ideal MHD effects on the MRI.
We consider that this simplification has little influence on our
main calculation results.
In this study, we also do not consider the formation of

planetesimals. However, calculations have shown that the low-
viscosity region in the disk is crucial to planetesimal formation
(e.g., Bai & Stone 2010; Okuzumi & Hirose 2012; Drażkowska
et al. 2013; Simon et al. 2016). It is worth expanding our study
to investigate the influence of all three non-ideal MHD effects
on the formation and evolution of planetesimals, and eventually
on the properties of planets.

5. CONCLUSION

In this paper, we study giant planet formation in photo-
evaporating disks with long-term evolution. Our calculations
show that mass loss due to photoevaporation results in a lower
surface density profile and the suppression of the disk
expansion. As a result, the disk lifetime is significantly
shortened. The core accretion rate of the protoplanet declines
and the trigger of runaway gas accretion for the giant planet is
delayed under the action of photoevaporation. We find that the
final mass of the giant planet characterized by the “gap-
limiting” case is not influenced by photoevaporation because
the protoplanet has enough time to become massive to open a
deep gap and the final mass is mainly determined by α.
However, the final mass of the giant planet characterized by the
“diffusion-limiting” case is significantly influenced by photo-
evaporation. The gas accretion rate of the planet is determined
by the gas supply of the disk. Since photoevaporation makes Σ
decrease efficiently, Σ in the photoevaporating disk at a time is
lower than that in the non-photoevaporating disk at the same
time and the disk lifetime is shortened significantly. As a result,
the final mass of the planet in the photoevaporating disk is
much lower than that in the non-photoevaporating disk.
We also study the gas structures in the photoevaporating

disk. Considering the formation process of giant planets, we
suggest that the locations of gaps opened by giant planets are
within 30–40 au and the gap width in the “gap-limiting” case is
wider than that in the “diffusion-limiting” case. We also find
that the gaps in the photoevaporating disk are wider than those
in the non-photoevaporating disk. Our calculations show that a
gap may be opened at a large radius of the disk if
photoevaporation is thought to be the dominant dissipation
mechanism for disks. We finally suggest that a gap may also be
opened at 1–3 au under the actions of photoevaporative
dissipation and gas accretion of the outer giant planets.
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